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• 名前: ⾠⾺ 未沙⼦ (たつうま みさこ) 

• 専⾨: 惑星形成論 (天⽂学/惑星科学) 

• 経歴: 

• ⾼校: 都⽴⻄⾼等学校 

• ⼤学・⼤学院: 東京⼤学 (理科⼀類 → 理学部天⽂学科 → 理学系研究科天⽂学専攻) 

• 研究者: 東京⼯業⼤学 (2022–2023, 学振特別研究員) → 理化学研究所 (2023–, 研究員) 

• 研究者としての興味・ポリシー: 

• 惑星がどのようなプロセスを経て形成するのか、理論的に知りたい！ 

• 他⼈とはちょっと違う視点からのユニークな研究をしたい！ 

• 理論モデルはシンプルなものほど良い！みんなに使われるモデルを作りたい！

⾃⼰紹介



3

1. 序論 
2. 原始惑星系円盤 
3. 原始惑星系円盤中でのダストの運動 
4. ダストのミクロ物理 

参考⽂献 

• Philip J. Armitage “Astrophysics of Planet Formation” Cambridge University Press 

• 井⽥ 茂、中本 泰史 “惑星形成の物理” 共⽴出版

この講義の内容 & 参考⽂献
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天⽂学・惑星科学では等号(=)の親戚をよく使います。 

• ≈: 近似的に等しい (誤差10%以下くらいを想定しているが、⼈による) 

• ~: 桁は合ってる (⼤雑把な⾒積もりでよく出てくる) 
例: ⼈間の⾝⻑ ~ 1 m、半径 a の球の体積 ~ a3 

⼤雑把な計算を「オーダー計算」と⾔い、天⽂学・惑星科学ではよく⽤いられます。 

質問はいつでも⼤歓迎です。 
⾃分が疑問に思ったことは意外と他の⼈も同じように疑問を感じています。 
この時間を有意義なものにするよう、疑問はそのままにしないでください。 
(場合によっては「あとで答える」「次回答える」こともあります)

前提として…



第1章 序論



• 惑星の定義: 核融合反応により⾃ら光る質量よりも、⼩さい天体 

• 上限は重⽔素(2H: 陽⼦1個と中性⼦1個)の核融合反応が起こる13⽊星質量 
(太陽組成の場合) 

• “太陽系の”惑星の定義: 2006年国際天⽂学連合での惑星の再定義より 

• 太陽の周りを公転し、 

• ⾃⼰重⼒によってほぼ球形になっており、 

• その軌道上に似た天体がいない天体

惑星とは？

©IAU
6
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地球型惑星 
(岩⽯惑星) 

主に岩⽯、⾦属

太陽系の惑星

©IAU

⽊星型惑星 
(ガス惑星) 

主に⽔素とヘリウムのガス

海王星型惑星 
(氷惑星) 
主に⽔氷



ペガスス座51番星の惑星 (1995年) 
2019年ノーベル物理学賞 
↓
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Kepler (2009–2018) TESS (2018–)

トランジット法視線速度法

↑

太陽系外惑星(系外惑星)の発⾒の歴史

全ての系外惑星を観測できるわけではないが、現在5000個以上が検出されている

https://filtergraph.com/3846963
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系外惑星の性質

https://filtergraph.com/7102889

公転周期(⽇) 公転周期(⽇)
※もしくは惑星質量*sin(軌道傾斜⾓)
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Super-Earths

Sub-Neptunes 
Super-Earths

Cold/Warm Jupiters
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惑星はいつ、どこで、何から作られるのか

105年以下？

原始星&分⼦雲コア

~ 106年

原始惑星系円盤

~ 105年？

原始星円盤

~ 107年

残骸円盤&惑星

惑星は、 
星が作られるとき、 
星の周りで、 
星の材料の残り物から作られる 
(⽊星質量=太陽質量の10–3倍)

ALMA Partnership et al. (2015)

おうし座HL星の円盤
原始惑星系円盤 

• ⼤きさ: 約100 au 
(au: 地球–太陽間の平均距離) 

• 質量: 太陽質量の10–5–0.1倍 

• 成分: 気体99%、固体1%
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惑星は何から作られるのか: 宇宙の塵(ダスト)

Jessberger et al. (2001)

惑星間塵

• ⼤きさが0.01–1 µmくらいの固体微粒⼦ 

• ケイ酸塩や氷などの重元素(ヘリウムより重い元素)で構成 

• 宇宙のいたるところに星間塵、惑星間塵などとして存在 

そもそもダストがどこでどうやって作られるのか 

• ガス中の重元素が多い場所 

• 漸近巨星分岐星(AGB星)の星⾵中 

• 超新星爆発時に放出されたガス中 

• 気体から固体への昇華(凝華) 
e.g., 野沢 2015, 天⽂⽉報, 274 
https://www.asj.or.jp/geppou/archive_open/2015_108_05/108_274.pdf 

惑星形成においては、ダスト形成以降のサイズ成⻑を取り扱う

https://www.asj.or.jp/geppou/archive_open/2015_108_05/108_274.pdf


12

惑星形成とは？ ―固体のサイズ成⻑の観点から―

ダスト 惑星

0.1 µm 106 km 104 km 102 km 1 km 

©NASA ©NASA

1 mm 1 m 

対数⽬盛 
× 100 × 100

地球の半径は
6378 km

半径: 1014倍 
質量: 1042倍

塵も積もれば   ⼭   となる惑星
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惑星形成の物理: 微惑星より⼩さい場合と⼤きい場合

ダスト 惑星

0.1 µm 106 km 104 km 102 km 1 km 

©NASA

微惑星

©ESA ©NASA

1 mm 1 m 

重⼒で合体分⼦間⼒などの付着⼒で直接合体

• 微惑星の定義: サイズが ~ 1–100 km の天体 

• 太陽系の彗星や⼩惑星は、微惑星の⽣き残りやその破⽚だと考えられている 

• 天体の衝突速度 ≫ 重⼒脱出速度ならば、重⼒では合体しない 
衝突速度: ⾊々な物理がかかわってくるのでそのうち出てきます 
重⼒脱出速度: 次のスライドで⾒積もってみよう！ 

この講義ではダストから微惑星までの形成過程を取り扱う
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重⼒脱出速度のオーダー⾒積もり
• 質量M1, 半径R1の天体から、質量M2, 半径R2の天体が脱出するときの速度vesc: 
導出してみよう！運動エネルギー + 重⼒ポテンシャルエネルギー = 0

1
2

M2v2
esc −

GM1M2

R1 + R2
= 0 vesc =

2GM1

R1 + R2
∝ R (if R1 ∼ R2 ≡ R)

• R ~ 1 km, M ~ 1013 kg と R ~ 100 km, M ~ 1019 kgのときのvesc: 
電卓を使わずにオーダー⾒積もりしてみよう！(万有引⼒定数: G = 6.67×10–11 m3 kg–1 s–2)vesc =

6.67 × 10−11 × 1013

103
= 0.667 ≈ 0.8 ∼ 1 m/s

vesc =
6.67 × 10−11 × 1019

105
= 6.67 × 103 = 66.7 × 10 ≈ 80 ∼ 100 m/s

ダスト: R ~ 1 µm 
vesc ~ 10–3 µm/s

惑星: R ~ 104 km 
vesc ~ 10 km/s

©NASA

微惑星: R ~ 1–100 km 
vesc ~ 1–100 m/s

©ESA ©NASA
• vesc ∝ R なので、
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微惑星形成過程における問題

ダスト中⼼星落下問題 衝突破壊問題 跳ね返り問題

Weidling et al. (2012)

©NAOJ 4D2U Wada et al. (2018)ガス原始惑星系円盤 
(上から⾒た)

ダスト

この講義では、これらの問題を解説し、それを克服する理論を紹介する



第2章 原始惑星系円盤
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分⼦雲コアから原始惑星系円盤へ
原始星&分⼦雲コア

• 分⼦雲: 銀河に点在するガスとダストの濃い領域 

• 分⼦雲コア: 分⼦雲の中で特に密度の⾼い領域 
分⼦雲コアが⾃重により収縮し、若い星が誕⽣する 
⾓運動量をわずかに持っており、それが保存しながら収縮

収縮する際に⾓運動量(∝ 半径×⾃転速度)が保存するとどうなる？ 
→ 考えてみよう！⾃転速度(∝ (半径)–1)が増加し、遠⼼⼒(∝ (⾃転速度)2/半径)も増⼤

⾃⼰重⼒

⾃転速度

遠⼼⼒球状

円盤状
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原始惑星系円盤のモデル
なぜ原始惑星系円盤(円盤と略すことが多い)のモデルが必要なのか？ 
→ 惑星は円盤の中で形成するため 

どのようにモデルを作るか？

©理科年表オフィシャルサイト

復元

Figure 3. Gallery of 240 GHz (1.25 mm) continuum emission images for the disks in the DSHARP sample. Beam sizes and 10 au scalebars are shown in the lower left
and right corners of each panel, respectively. All images are shown with an asinh stretch to reduce the dynamic range (accentuate fainter details without over-
saturating the bright emission peaks). For more quantitative details regarding the image dimensions and intensity scales, see Huang et al. (2018a) and Kurtovic et al.
(2018).

9

The Astrophysical Journal Letters, 869:L41 (15pp), 2018 December 20 Andrews et al.

Andrews et al. (2018)

• 太陽系の姿から推測 • 望遠鏡観測により⾒えてきたものをモデル化する• 理論



z (鉛直⽅向)

計算してみよう！
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ガス円盤の鉛直構造
ガス密度の鉛直構造ρ(z)を決めるz⽅向の⼒のつりあい 

• 中⼼星の重⼒:                                       ※|z| ≪ r  

• 圧⼒勾配⼒:                        ※円盤は通常内側ほど⾼圧 

※単位質量あたり                                                                    ※ガス質量 ≪ 星質量なので、ガスの重⼒は無視

ガス円盤(横から⾒た断⾯図)

r (動径⽅向)⾚道⾯ (z = 0)
星(質量M*)

−
GM*

r2 + z2

z

r2 + z2
≈ −

GM*

r3
z

−
1
ρ

∂P
∂z

> 0

−
GM*

r3
z −

1
ρ

∂P
∂z

= 0 → − Ω2
Kz −

1
ρ

∂P
∂z

= 0

⾳速             より、cs =
dP
dρ

1
ρ

∂P
∂z

=
1
ρ

∂P
∂ρ

∂ρ
∂z

=
c2

s

ρ
∂ρ
∂z

= − Ω2
Kz →

∂ρ
∂z

= −
Ω2

Kz
c2

s
ρ = −

z
H2

ρ, H ≡
cs

ΩK

(H: スケールハイト)

csが定数、つまり鉛直等温を仮定すると ρ(z) = ρ(0)exp (−
z2

2H2 ) z

ρ

H

円盤の「厚み」

(                 : ケプラー⾓速度)ΩK ≡
GM*

r3
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ガス円盤の鉛直構造続き: ⾚道⾯での密度
→ ρ(0)は、⾯密度Σ(=質量/⾯積)とガウス積分を⽤いて求められるρ(z) = ρ(0)exp (−

z2

2H2 )
∫

∞

−∞
exp(−x2)dx = π

計算してみよう！Σ = ∫
∞

−∞
ρ(0)exp (−

z2

2H2 ) dz = ρ(0) 2πH → ρ(0) =
Σ

2πH

ρ(z) =
Σ

2πH
exp (−

z2

2H2 )
なぜ⾯密度Σを使うのか？ 
→ 観測で得られる量だから

Figure 3. Gallery of 240 GHz (1.25 mm) continuum emission images for the disks in the DSHARP sample. Beam sizes and 10 au scalebars are shown in the lower left
and right corners of each panel, respectively. All images are shown with an asinh stretch to reduce the dynamic range (accentuate fainter details without over-
saturating the bright emission peaks). For more quantitative details regarding the image dimensions and intensity scales, see Huang et al. (2018a) and Kurtovic et al.
(2018).

9

The Astrophysical Journal Letters, 869:L41 (15pp), 2018 December 20 Andrews et al.

このような円盤観測からは 

⾯密度 

(厚み⽅向に積分した密度) 

が得られる

Σ = ∫
∞

−∞
ρ(z)dz
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ガス円盤の鉛直構造続き: スケールハイトの⾒積もり
円盤の縦横⽐(アスペクト⽐): z (鉛直⽅向)

ガス円盤(横から⾒た断⾯図)

r (動径⽅向)⾚道⾯ (z = 0)
星(質量M*)

H

H
r

=
cs

rΩK
=

cs

vK

• 1 auで T ~ 300 K 

• ボルツマン定数: kB = 1.38 × 10–23 m2 kg s–2 K–1 

• ガス(~ ⽔素分⼦)1個の質量: m = 3.3 × 10–27 kg 

• 万有引⼒定数: G = 6.67×10–11 m3 kg–1 s–2 

• 太陽質量: M* = 2 × 1030 kg 

• 1 au = 1.5 × 1011 m

計算してみよう！cs =
1.38 × 10−23 × 300

3.3 × 10−27
∼ 106 = 1 km/s

⾳速:                   ケプラー速度:cs =
kBT
m

vK =
GM*

r

vK =
6.67 × 10−11 × 2 × 1030

1.5 × 1011
∼ 9 × 108 = 30 km/s

H
r

=
cs

vK
∼

1
30

∼ 0.03

円盤のアスペクト⽐はこれくらい



もし P = 0 なら: 計算してみよう！ 

実際は: 計算してみよう！
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ガス円盤の公転速度
ガスの公転速度vg,φを決めるr⽅向の⼒のつりあい 

• 中⼼星の重⼒:                                       ※|z| ≪ r  

• 遠⼼⼒: 

• 圧⼒勾配⼒:                        ※円盤は通常内側ほど⾼圧(⾼密度&⾼温) 

※単位質量あたり                                                                    ※ガス質量 ≪ 星質量なので、ガスの重⼒は無視

ガス円盤(横から⾒た断⾯図)
z (鉛直⽅向)

r (動径⽅向)⾚道⾯ (z = 0)
星(質量M*)

−
GM*

r2 + z2

r

r2 + z2
≈ −

GM*

r2

+
v2

g,ϕ

r
−

1
ρ

∂P
∂r

> 0

(ケプラー速度)−
GM*

r2
+

v2
g,ϕ

r
= 0

−
GM*

r2
+

v2
g,ϕ

r
−

1
ρ

∂P
∂r

= 0

→ vg,ϕ =
GM*

r
≡ vK

→ vg,ϕ =
GM*

r
+

r
ρ

∂P
∂r

= vK 1 +
r

v2
Kρ

∂P
∂r

円盤モデルによるが、η ~ 10–3 
ケプラー速度vKとの速度差: –ηvK ≈ –54 m/s

≈ vK (1 +
r

2v2
Kρ

∂P
∂r ) = vK(1 − η) < vK

↑ 
テイラー展開 

x ≈ 0のとき、f(x) ≈ f(0) + fʼ(0)x +O(x2)
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ガス円盤の公転速度補⾜: η ってなに？
vg,ϕ = vK(1 − η), η ≡ −

r
2v2

Kρ
∂P
∂r

→ このままだと何なのかさっぱりわからないので、少しテクニカルな式変形をする
∂P
∂r

=
∂ ln P
∂ ln r

∂P
∂ ln P

∂ ln r
∂r

=
P
r

∂ ln P
∂ ln r

= P =
1
r

• P(r) = rp のべき p (圧⼒の動径⽅向依存性のべき) 
→ たいした値にはならないだろう…マイナスいくつか？ 

• cs/vK ~ 0.03 (21ページ参照) 
→ η > 0 かつ η ≪ 1 となる

η = −
r

2v2
Kρ

P
r

∂ ln P
∂ ln r

= −
c2

s

2v2
K

∂ ln P
∂ ln r

P
ρ

= c2
s

このように”べき”が重要となることが多いので、観測から”べき”を求められると嬉しい
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円盤の温度構造

z (鉛直⽅向)
ガス円盤(横から⾒た断⾯図)

r (動径⽅向)⾚道⾯ (z = 0)
星(光度L*)

加熱
冷却

• ダスト温度: 星の放射の吸収(加熱)と、 
ダストの熱放射(冷却)のつりあいで決まる 

• ガス温度: ダストとの衝突で決まる(≈ ダスト温度) 

• 星の放射フラックス(エネルギー/時間/⾯積): 
→ ダストが吸収する星の光のエネルギー(単位時間):  

• ダストの熱放射フラックス:                 (σSB: Stefan-Boltzmann定数) 
→ ダストの熱放射のエネルギー(単位時間): 

平衡状態の温度は？ 
計算してみよう！

a

F*

Fd

. 
Q*

. 
QdFd = σSBT4

ダスト

·Q* = πa2F* =
a2L*

4r2

F* =
L*

4πr2

·Qd = 4πa2Fd = 4πa2σSBT4

             より、  ·Q* = ·Qd T = ( L*

16πσSBr2 )
1/4

≈ 280 ( r
1 au )

−1/2

( L*

L⊙ )
1/4

K

ダスト半径aによらない！

• σSB = 5.6×10–8 W m–2 K–4 

• 太陽光度: L⦿ = 3.8 × 1026 W 

• 1 au = 1.5 × 1011 m



• 円盤でのH2Oの昇華温度 ~ 150–180 K 
(※円盤は超低圧 ~ 10–5–10–3 Pa) 
 

• 円盤のスノーライン(温度がH2Oの昇華温度 ~ 170 Kと⼀致する位置)は？ 
 
                            … 現在の⼩惑星帯(~ 3 au)の位置(⽕星と⽊星の間) 

• 実際には他にも⾊々な物質のスノーラインがあると考えられている
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円盤の温度構造応⽤: スノーライン

z (鉛直⽅向)
ガス円盤(横から⾒た断⾯図)

r (動径⽅向)
星(光度L*)

T ≈ 280 ( r
1 au )

−1/2

( L*

L⊙ )
1/4

K

岩⽯ダスト

スノーライン

岩⽯ + 氷ダスト

r ≈ 2.7 ( L*

L⊙ )
1/2

au

H2O CO2, NH3 C2H6 
エタン

CH4 
メタン

COe.g., 奥住 2019, ⽇本惑星科学会誌, 28, 4 
https://www.wakusei.jp/book/pp/2019/2019-4/2019-4-285.pdf

https://www.wakusei.jp/book/pp/2019/2019-4/2019-4-285.pdf
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原始惑星系円盤のモデル
なぜ原始惑星系円盤(円盤と略すことが多い)のモデルが必要なのか？ 
→ 惑星は円盤の中で形成するため 

どのようにモデルを作るか？

©理科年表オフィシャルサイト

復元

Figure 3. Gallery of 240 GHz (1.25 mm) continuum emission images for the disks in the DSHARP sample. Beam sizes and 10 au scalebars are shown in the lower left
and right corners of each panel, respectively. All images are shown with an asinh stretch to reduce the dynamic range (accentuate fainter details without over-
saturating the bright emission peaks). For more quantitative details regarding the image dimensions and intensity scales, see Huang et al. (2018a) and Kurtovic et al.
(2018).

9

The Astrophysical Journal Letters, 869:L41 (15pp), 2018 December 20 Andrews et al.

Andrews et al. (2018)

• 太陽系の姿から推測 • 望遠鏡観測により⾒えてきたものをモデル化する• 理論
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Minimum Mass Solar Nebula (MMSN)モデル
最⼩質量太陽系星雲モデル: 太陽系を作った原始惑星系円盤の最⼩質量の場合のモデル 

• 惑星の固体質量をすりつぶして円環状にばらまき、滑らかな⾯密度(g cm–2)分布を推定 
(惑星はその場で誕⽣したという仮定) 

• 太陽の元素組成を仮定してガスを加える 

• ガス⾯密度: 

• ダスト⾯密度: 
 
 
2.7 au: ⽔氷が昇華・凝華する軌道⻑半径(25ページ参照)

Weidenschilling (1977) 
Hayashi (1981)

Σg = 1700 ( r
1 au )

−3/2

g cm−2

Σd = 7.1 ( r
1 au )

−3/2

g cm−2 (if r < 2.7 au, rock)

Σd = 30 ( r
1 au )

−3/2

g cm−2 (if r > 2.7 au, rock + ice)
©理科年表オフィシャルサイト



第3章 原始惑星系円盤中でのダストの運動



29

原始惑星系円盤中でのダストの運動

ガス円盤(横から⾒た断⾯図)

なぜダストの運動を理解したいのか？ 
→ ダストの衝突速度によって、合体・破壊・跳ね返りの結果が変わりうるから 

どのような運動が考えられるか？

動径⽅向の移動 
(中⼼星への落下)

乱流

沈殿



ダスト半径aとガスの平均⾃由⾏程λの⼤⼩関係と、 

レイノルズ数Reにより、3つの抵抗則に分けられる 

• エプスタイン則:         のとき、ガスを⾃由分⼦として扱う 

• ストークス則:                  のとき、ガスを粘性流体として扱う 

• ニュートン則:                     のとき、ガスを⾮粘性流体として扱う 

ガスの平均⾃由⾏程:
30

基本: ダストにはたらくガス抵抗⼒
a

vd vg
ガス

ダスト(質量md)
抵抗⼒ FD FD = md

Δv
Δt

= md
(vd − vg) − 0

0 − tstop
= − md

vd − vg

tstop

制動時間 (stopping time) 
ダストがガスの運動に馴染む時間スケール 
tstopが⼩さいほど、ガス抵抗の影響は強い

σλn = 1 → λ =
1
nσ

∼ 1 cm @ 1 au
σ: ガス分⼦の衝突断⾯積 
n: ガス分⼦の数密度

軌道⻑半径 ⼤ 
→ 数密度 ⼩ 
→ 平均⾃由⾏程 ⼤

a ≲ λ

a ≳ λ, Re ≲ 1

a ≳ λ, Re ≳ 103
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ダストの制動時間のダスト半径・内部密度依存性は？
エプスタイン則:         のとき、ガスを質量mg、熱速度vthの⾃由分⼦として扱う 
 

• ダストの前⽅からガス分⼦が衝突する回数/時間  

• ダストの後⽅からガス分⼦が衝突する回数/時間  

• 1回の衝突でダストに与える運動量  
→ ⼒ = 運動量/時間 
 

係数を考慮すると、                 (ダストの内部密度ρintと半径aに⽐例)

a ≲ λ

a
v vthvth

ρg

∼ a2(vth + v)ρg/mg

∼ a2(vth − v)ρg/mg

= 2mgvth

∼ − 2mgvth ⋅ a2 ⋅ 2v ⋅ ρg/mg ∼ − a2ρgvthv = −
mdv
tstop

tstop ∼
md

a2ρgvth
∼

ρinta
ρgvth

tstop ≈
ρinta
ρgvth

(熱速度vthはMaxwell分布から求められる)



• エプスタイン則:         のとき、ガスを⾃由分⼦として扱う 

• ストークス則:                  のとき、ガスを粘性流体として扱う 

• ニュートン則:                     のとき、ガスを⾮粘性流体として扱う 

 
レイノルズ数:          ~ (特徴的な速度)×(特徴的な⻑さ)/(動粘性係数) 
              Re < 1 となるのは ~ 10 cm以下(@1 au)のダストのとき
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ダストの制動時間のダスト半径・内部密度依存性まとめ
a ≲ λ

a ≳ λ, Re ≲ 1

a ≳ λ, Re ≳ 103

粘性流体では、物体近傍の流体は物体と⼀緒に動こうとするので、 
実⾏的な断⾯積が幾何断⾯積よりも⼤きくなる

ガスの速度はミクロな熱速度ではなく、 
マクロな流体速度になる

tstop ≈
ρinta
ρgvth

tstop ≈
ρinta
ρgvth

4a
9λ

tstop ≈
16ρinta

3ρg |vd − vg |

Re ≡
4 |vd − vg |a

vthλ

※ 熱速度vthと⾳速csは数倍違うのだが、 
  混同している(有名な)論⽂があるので注意！



• ダスト密度がガス密度よりも低く、かつvd,φ ≈ vK であれば:  

• 無次元化された制動時間: ストークス数 St ≡ tstopΩK    (~ ケプラー周期を⽤いて無次元化) 

• St ≪ 1 なら:            St ≫ 1 なら: 

• St ≈ 1 のとき vd,r が最⼤となる: 
33

ダストの動径⽅向の移動速度は？

ガス
ダスト

vg,φ = vK + Δvg,φ

vg,r

vd,φ = vK + Δvd,φ

vd,r

Δvg,ϕ ≈ − ηvK

• ダストの動径⽅向の運動⽅程式: 
 

• ダストの⾓運動量保存則:

dvd,r

dt
=

v2
d,ϕ

r
− Ω2

Kr −
vd,r − vg,r

tstop
= 0

d
dt

(rvd,ϕ) = −
r

tstop
(vd,ϕ − vg,ϕ)

vd,r ≈
vg,r − 2ηvKSt

St2 + 1

vd,r ≈ vg,r − 2ηvKSt

vd,r ≈ − ηvK

vd,r ≈ − 2ηvKSt−1

 Adachi et al. (1976) 
Weidenschilling (1977)

遠⼼⼒ 重⼒ ガス抵抗⼒ つりあったときの終端速度

⾓運動量



St ≈ 1

最⼤動径移動速度 ≈ ηvK 
 円盤モデルにもよるが、 
 ηvK  ≈ 50 m/s
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ダストの動径⽅向の移動速度まとめ

ダスト

• ダストはケプラー速度で公転しようとする 

• ガスは圧⼒勾配⼒により⽀えられ、ケプラー速度よりわずかに遅くなる 
→ ダストはガスの「向かい⾵」を受け、公転速度が遅くなる 
→ 遠⼼⼒が減少し、中⼼へと向かって落下する

 Adachi et al. (1976) 
Weidenschilling (1977)

120 Planetesimal formation
v

v

Fig. 4.2. The radial drift velocity of particles at the mid-plane of the protoplanetary
disk is plotted as a function of the dimensionless stopping time τfric = tfric"K. The
model plotted assumes that η = 7.5 × 10−3 and that vr,gas/vK = −3.75 × 10−5.
These values are approximately appropriate for a disk with h/r = 0.05 and α =
10−2 at 5 AU.

Figure 4.2 shows the radial drift velocity as a function of the dimensionless

stopping time for parameters (η, vr,gas/vK) that are approximately appropriate for

the protoplanetary disk at a radius of 5 AU. The drift velocity peaks when τfric ≃ 1

at a value

vr,peak ≃ −
1

2
ηvK, (4.40)

that depends only upon the pressure gradient in the disk via the dependence of η on

the sound speed and surface density gradients. The particle size that corresponds

to τfric ≃ 1 can be computed based on the formulae for the friction time in the

appropriate drag regime (either Epstein or Stokes). In the Epstein regime, for

example, a dimensionless stopping time of unity occurs for a particle size

s(τ = 1) =
ρvth

ρm"K
. (4.41)

At 5 AU in a disk with & = 102 g cm−2 and h/r = 0.05 the fastest drift occurs for

a particle size s ≃ 20 cm.4 This is typical – in the inner disk (1–10 AU) the most

rapid radial drift coincides with particle sizes in the 10 cm to a few m range.
Figure 4.3 plots the minimum radial drift time scale (i.e. the time scale evaluated

at the peak of the curve in Figure 4.2) tdrift = r/|vr,peak| as a function of radius in
the disk. Throughout the main planet-forming regions of the disk this time scale

4 With these parameters the mean free path is of the order of a meter, so it is consistent to use the Epstein formula.

ストークス数 St

|v d
,r|/

v K

Armitage (2010)

≈ vg,r
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ダスト中⼼星落下のタイムスケール

ダスト

• St ≈ 1 のとき、落下速度は最⼤になり、ηvK ≈ 50 m/s 

• 1 au = 1.5 × 1011 m とすると、(1 yr ≈ 3 × 107 s) 

 

               で落下してしまう！ 

• St ≈ 1 ってどんなダスト？(32ページのエプスタイン則を仮定して⾒積もる) 

 
 

→ 円盤ガス⾯密度Σgにもよるが、 
 ρint = 1 g/cm3 のコンパクトなダストでメートルサイズのダスト 

 「ダスト中⼼星落下問題」

1.5 × 1011 m
50 m/s

= 3 × 109 s ∼ 100 yr

St ≡ tstopΩK ≈
ρinta
ρgvth

ΩK =
ρinta 2πcs

ΣgΩK 8/πcs

ΩK =
πρinta
2Σg

(vth = 8/πcs)
↑ 

熱速度vthと⾳速csは数倍違う

 Adachi et al. (1976) 
Weidenschilling (1977)
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円盤中のダストの「沈殿」

z (鉛直⽅向)
ガス円盤(横から⾒た断⾯図)

r (動径⽅向)⾚道⾯ (z = 0)
星(質量M*)

ダスト

ダストにはたらくz⽅向の中⼼星重⼒と 
ガス抵抗⼒のつりあいから、終端速度vzを求める 
導出してみよう！                    (19ページ参照)−

GM*md

r3
z = − Ω2

Kmdz = md
vz

tstop

vz = − tstopΩ2
Kz = − StΩKz

例: 5 au (⽊星の公転周期: T ~ 12 yr, ⾓速度 = 2π/T)では 

• 0.1 µm粒⼦ (St ~ 10–7): 沈殿に要する時間 ~ 20 Myr 

• > 1 µm粒⼦なら、円盤寿命(~ Myr)のうちに沈殿できる

円盤⾚道⾯まで沈殿するために必要な時間:
z
vz

=
1

StΩK
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原始惑星系円盤に乱流はあるの？
• 乱流とは？ → 乱れた渦の集まり (例: 煙や⽊星⼤気など)

(Enhanced image by Gerald Eichstädt based on images  
provided courtesy of NASA/JPL-Caltech/SwRI/MSSS)

渦の崩壊

渦の崩壊
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理論的に予想される原始惑星系円盤の乱流の例
• 乱流を作りうる円盤の不安定性はいくつか提案されている 
例えば円盤にわずかに存在する磁場が原因となり、磁気流体⼒学的不安定性を起こすThe Astrophysical Journal, 735:122 (16pp), 2011 July 10 Flock et al.

Figure 7. 3D picture of turbulent rms velocity at 750 inner orbits for model BO. The white regions in the corona present super-sonic turbulence.

(An animation of this figure is available in the online journal.)
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Figure 8. Left: velocity spectra in units of the sound speed for all three components at the midplane. Space and time average is again between 3 and 8 AU and between
800 and 1200 inner orbits. The radial velocity peaks at m = 3–5 for both 2π models. Right: contour plot of the radial velocity at the midplane (R–φ plane). Large
shear wave structures become visible. This snapshot is taken after 750 inner orbits.

that all velocity components have similar amplitudes for the
small scales and do not deviate by more than a factor of two
at the largest scales. The radial velocities peak at m = 5, but
overall the entire spectrum above m = 20 is essentially flat.
The peak at m = 5 could be connected to the production of
shear waves in the simulations. These shear or density waves
are described in Heinemann & Papaloizou (2009). On top of
the shorter timescale of MRI turbulence, these long “timescale”
shear waves are visible in the contour plot of the radial velocity
in the r–φ midplane (Figure 8, right). The shear wave structures
drive the radial velocity up to 0.3cs . In the velocity spectra, we

see the start of the dissipation regime at m = 30–40 for the
high-resolution run BO. For the model BO, this corresponds
to 26 or rather 19 grid cells per wavelength, which is still
well resolved by the code (Flock et al. 2010). Shearing waves
are also visible in a r–θ snapshot of the velocity (Figure 9,
left). Here we plot the azimuthal velocity Vφ–VK as contour
color, overplotted with the velocity vectors. Red contour lines
show Keplerian azimuthal velocities. Super-Keplerian regions
are important for dust particle migration. They reverse the radial
migration of particles, leading to their efficient concentration
and triggering parasitic instabilities in the dust layer, like

9

Flock et al. (2011)

⾊は(乱流の速度)/(⾳速)を表している

• 「乱流」は惑星形成における研究テーマの 
⼀つになるくらい、奥深い現象 
(なのでこれ以上はここでは扱えません)

• 便宜的に、乱流粘性νt (ブイではなくニュー) 

をαを⽤いて 

νt ~ αcsH 
と表す (Shakura & Sunyaev 1973) 

(速度は⾳速以下、サイズは円盤厚み以下と予想される)
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乱流中のダスト衝突速度
• 円盤乱流に起因する等サイズのダスト衝突速度 (Ormel & Cuzzi 2007) 

St < 1 のとき: 
St > 1 のとき: 

• 乱流中のダスト衝突速度が最⼤のとき(St ~ 1)、どれくらいの速さ？ 
1 auでの⾳速 cs ~ 1 km/s (21ページ参照) 
強い乱流のとき (α ~ 10–2): 
ほどほどの乱流のとき (α ~ 10–3):

vcoll ∼ αStcs

vcoll ∼
2α

1 + St
cs

vcoll ∼ 10−2 × 1 km/s = 100 m/s = 360 km/h

vcoll ∼ 10−3 × 1 km/s ≈ 30 m/s = 108 km/h

乱流の強さによっては、野球選⼿の最速投球の速さくらいにもなる！ 

→ ダストは壊れてしまう 「衝突破壊問題」
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乱流円盤中のダスト層の厚み

|vz | = StΩKz |vt | = αStcs

|vz | = |vt | → StΩKz = αStcs

ざっくりと⾒積もるには、ダストの沈殿速度vz(36ページ参照)と、 
乱流による速度vt (= vcoll, 39ページ参照)がつりあうときの⾼さを求めればよい

z = Hd =
αStcs

StΩK
=

α
St

Hg

Hg: ガスのスケールハイト(19ページ参照)

ガス円盤(横から⾒た断⾯図)

ダスト層
Hg

Hd
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ダスト成⻑のタイムスケール
• ダストが衝突により破壊されないと仮定して、ダスト成⻑のタイムスケールを⾒積もる 

 
 
               ※ダストは中⼼星の重⼒により、⾚道⾯に沈殿する 

• 最も成⻑の早い(衝突速度が⼤きい) St = 1 の場合を考える

 Okuzumi et al. (2012)

tgrow ∼
md

dm/dt
dm
dt

∼ ρdvcollπa2 =
Σd

2πHd

vcollπa2

a
vcoll

ρd

md

vcoll ∼ αcs , Hd ∼ αHg , Hg = cs/ΩK

tgrow ∼
md

dm/dt
∼

(4/3)πa3ρint
Σd

2παcs/ΩK

αcsπa2
=

4 2πaρint

3ΣdΩK
=

4 2π
3

Σg

Σd

aρint

Σg

tK
2π

成⻑のタイムスケールはガス・ダスト⽐だけで決まる！

~ St = 1

∼ (数十)(
Σd/Σg

0.01 )
−1

tK

tK: ケプラー周期
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Figure 2. Aggregate size distribution ∆Σd/∆ log m at different times t for the
compact aggregation model (ρint = 1.4 g cm−3) as a function of orbital radius
r and aggregate mass m. The dotted lines mark the aggregate size at which Ωts
exceeds 0.1.
(A color version of this figure is available in the online journal.)

101 102
10 3

10 2

10 1

100

101

orbital radius r AU

du
st

su
rf

ac
e

de
ns

ity
d

g
cm

2

Compact Aggregation Model

t 103 yr
t 104 yr
t 105 yr

Figure 3. Radial profiles of the total dust surface density Σd at different times
for the compact aggregation model (ρint = 1.4 g cm−3).

dust growth proceeds without significant radial drift until the
stopping time of the aggregates reaches Ωts ∼ 0.1 (the dotted
lines in Figure 2). However, as the aggregates grow, the radial
drift becomes faster and faster, and further growth becomes
limited only along the line Ωts ∼ 0.1 on the r–m plane.
Figure 3 shows the evolution of the total dust surface density
Σd ≡

∫
mNdm =

∫
(∆Σd/∆ log m)d log m. We see that a

significant amount of dust has been lost from the planet-forming
region r ! 30 AU within 105 yr. In this region, the dust surface
density4 scales as r−1, and hence the dust-to-gas surface density
ratio ∝ r−1/Σg ∝ r1/2 decreases toward the central star.

4 It can be analytically shown (Birnstiel et al. 2012) that the dust surface
density profile obeys a scaling Σd ∝√

Σg/(r2Ω) (∝ r−1 for Σg ∝ r−3/2) when
radial drift balances with turbulence-driven growth.
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Figure 4. Aggregate size distribution ∆Σd/∆ log m at r = 5 AU and t =
2000–4470 yr for the compact aggregation model. The dashed and solid arrows
indicate the aggregate sizes at which a = λmfp and Ωts = 1, respectively. Shown
at the top of the panel is the aggregate radius a. The vertical bars indicate the
weighted average mass ⟨m⟩m (Equation (21)).

Figure 4 shows the evolution of the dust size distribution
observed at r = 5 AU. Here, in order to characterize the typical
aggregate size at each evolutionary stage, we introduce the
weighted average mass ⟨m⟩m defined by

⟨m⟩m ≡
∫

m2Ndm∫
mNdm

= 1
Σd

∫
m

∆Σd

∆ log m
d log m. (21)

The weighted average mass approximately corresponds to the
aggregate mass at the peak of ∆Σd/∆ log m (see, e.g., Ormel
et al. 2007; Okuzumi et al. 2011a). In Figure 4, the weighted
average mass at each time is indicated by the short vertical
line. At r = 5 AU, the growth–drift equilibrium is reached
at t ≈ 4000 yr, and the typical size of the aggregates is
⟨m⟩m ≈ 500 g in mass (≈4 cm in radius, ≈0.07Ω−1 in stopping
time). Note that the final aggregate radius is much smaller than
the mean free path λmfp of gas molecules (the dashed arrow in
Figure 4), which means that the gas drag onto the aggregates is
determined by Epstein’s law. As we will see in the following,
porosity evolution allows aggregates to reach the Stokes drag
regime at much smaller Ωts .

3.2. Porous Aggregation

Now we show how porosity evolution affects dust evolu-
tion. Here, we solve the evolutionary equation for V(r, m)
(Equation (8)) simultaneously with that for N (r,m)
(Equation (1)). The result is shown in Figure 5, which displays
the snapshots of the aggregate size distribution ∆Σd/∆ log m and
internal density ρint = m/V at different times t as a function
of r and m. The evolution of the total dust surface density Σd is
shown in Figure 6.

The left four panels of Figure 5 show how the radial
size distribution evolves in the porous aggregation. At t <
103 yr, the evolution is qualitatively similar to that in compact
aggregation (Section 3.1). However, in later stages, the evolution
is significantly different. We observe that aggregates in the inner
region of the disk (r < 10 AU) undergo rapid growth and
eventually overcome the radial drift barrier lying at Ωts ∼ 1

7
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ダスト成⻑ vs 中⼼星落下 の例  Okuzumi et al. (2012)

ダストの運動を全て考慮し、 
完全合体(衝突破壊なし)を仮定したうえで、 
各軌道⻑半径での 
ダストサイズ分布の進化を計算

内部密度⼀定の場合には、 
St ~ 0.1で中⼼星へ落下してしまう！

St = 0.1
St = 0.1
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ダスト成⻑ vs 中⼼星落下: 解決⽅法  Suyama et al. (2008)

0.1 µmサイズのダスト粒⼦は 
分⼦間⼒(ファンデルワールス⼒や 
⽔素結合)で付着する 
→ 衝突付着により、 
  ダスト集合体を形成する 

低速度・等質量衝突(Ballistic  
Cluster-Cluster Aggregation: BCCA) 
では低密度ダスト集合体が形成される
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Figure 5. Aggregate size distribution ∆Σd/∆ log m (left four panels) and internal density ρint = m/V (right four panels) at different times t for the porous aggregation
model as a function of orbital radius r and aggregate mass m. The dashed lines mark the aggregate size at which Ωts exceeds unity.
(A color version of this figure is available in the online journal.)
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Figure 6. Radial profiles of the total dust surface density Σd at different times
for the porous aggregation model.

(dashed lines in Figure 5) within t ∼ 104 yr. At this stage,
the radial profile of the total dust surface Σd is hardly changed
from the initial profile, as seen in Figure 6. In the outer region
(r > 10 AU), aggregates do drift inward before they reach
Ωts ∼ 1 as in the compact aggregation model. However, unlike
in the compact aggregation, the inward drift results in the pileup
of dust materials in the inner region (r ≈ 4–9 AU) rather than
the loss of them from outside the snow line (see Figure 6). This
occurs because most of the drifting aggregates are captured
by aggregates that have already overcome the drift barrier. As a
result, the dust-to-gas mass ratio in the inner regions is enhanced
by a factor of several in 105 yr.

The right four panels of Figure 5 show the evolution of the
internal density ρint = m/V as a function of r and m. The
first thing to note is that the dust particles grow into low-

density objects at every location until their internal density
reaches ρint ∼ 10−5–10−3 g cm−3. In this stage, the internal
density decreases as ρint ≈ (m/m0)−1/2ρ0, meaning that the
dust particles grow into fractal aggregates with the fractal
dimension df ≈ 2 (Okuzumi et al. 2009). The fractal growth
generally occurs in early growth stages where the impact energy
is too low to cause collisional compression, i.e., Eimp ≪ Eroll
(e.g., Blum 2004; Ormel et al. 2007; Zsom et al. 2010). At
m ∼ 10−4–10−6 g, the fractal growth stage terminates, followed
by the stage where collisional compression becomes effective
(Eimp ≫ Eroll). In this late stage, the internal density decreases
more slowly or is kept at a constant value depending on the
orbital radius. We will examine the density evolution in more
detail in Section 3.2.2.

Figure 7 shows the evolution of the mass distribution function
at r = 5 AU during t ≈ 1200–2500 yr. The evolution of the
weighted average mass ⟨m⟩m is shown in Figure 8. It is seen
that the acceleration of the growth begins when the aggregate
size a exceeds the mean free path of gas molecules, λmfp (the
dashed arrow in Figure 7). This suggests that the acceleration
is due to the change in the aerodynamical property of the
aggregates. At a ≈ λmfp, the gas drag onto the aggregates begins
to obey Stokes’ law. In the Stokes regime, the stopping time
ts of aggregates increases rapidly with size (see Section 2.2).
This causes the quick growth of the aggregates since the
relative velocity between aggregates increases with ts (as long as
Ωts < 1). As a result of the growth acceleration, the aggregates
grow from a ≈ λmfp to Ωts ≈ 1 within 300 yr, which is short
enough for them to break through the radial drift barrier.

The decrease in the internal density plays an important role
in the growth acceleration. More precisely, the low internal
density allows the aggregates to reach a ≈ λmfp at early growth
stages, i.e., at small Ωts . In fact, the growth acceleration was not
observed in the compact aggregation, since the aggregate size
is smaller than the mean free path at all Ωts < 1 (see Figure 4).
A more rigorous explanation for this will be given in Section 4.

8
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低密度ダスト集合体の成⻑ vs 中⼼星落下  Okuzumi et al. (2012)

ダストの運動を全て考慮し、 
完全合体(衝突破壊なし)を仮定したうえで、 
各軌道⻑半径での 
ダストサイズ分布の進化を計算

ダスト集合体の密度進化も考慮した場合には、 
St ~ 1を超えて成⻑できる！

St = 1 St = 1
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なぜ低密度ダスト集合体は St = 1 を超えられる？
ガスの抵抗則に戻って考えてみる

• エプスタイン則: 

• ストークス則:

tstop ≈
ρinta
ρgvth

tstop ≈
ρinta
ρgvth

4a
9λ

 Okuzumi et al. (2012)
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The situation differs in the Stokes drag regime. A similar
calculation as above leads to

(ρinta)Ωts=1

Σg

= 9
2π

λmfp

a|Ωts=1
(41)

and

tgrow|Ωts=1 ≈ 60
(

Σd/Σg

0.01

)−1 λmfp

a|Ωts=1
. (42)

Note that the growth timescale is inversely proportional to
the aggregate radius, in contrast to that in the Epstein regime
(Equation (40)) being independent of aggregate properties.
Substituting Equations (36) and (42) into the growth condition
(Equation (38)), we find that the aggregates break through the
radial drift barrier in the “deep” Stokes regime, a|Ωts=1/λmfp !
45. Unlike Equation (40), Equation (42) implicitly depends
on ρint through aΩts=1/λmfp (see below), so the porosity of
aggregates does affect the growth timescale in this case. It is
interesting to note that the speed-up of dust growth occurs even
though the maximum collision velocity is the same. Indeed, the
collision velocity depends only on Ωts and is thus independent of
the drag regime. We remark that Stokes’ law breaks down when
a becomes so large that the particle Reynolds number becomes
much larger than unity, as already mentioned in Section 2.2. We
will show in Section 5.1 that this fact sets the minimum value
of tgrow|Ωts=1 to ≈0.3tK ; see Equation (47).

The internal density of aggregates controls the growth
timescale through the aggregate size a at Ωts = 1. For given
ρint, one can analytically calculate a|Ωts=1 from Equations (39)
and (41). Explicitly,

a|Ωts=1 = 2Σg

πρint
(43)

for the Epstein regime, and

a|Ωts=1 = 3
(2π )1/4

√
mghg

ρintσmol
(44)

for the Stokes regime, where we have used λmfp = mg/(ρgσmol)
and ρg = Σg/(

√
2πhg). For fixed ρint, a|Ωts=1 decreases with

increasing r in the Epstein regime, but increases in the Stokes
regime. The upper panel of Figure 11 plots a|Ωts=1 for three
different values of the aggregate internal density ρint. If dust
particles grow into compact spheres (ρint ∼ 1 g cm−3), Epstein’s
law governs the motion of Ωts = 1 particles in almost the
entire snow region (r > 3 AU). However, if dust particles
grow into highly porous aggregates with ρint ∼ 10−5 g cm−3,
the particles growing at r " 60 AU enter the Stokes regime
before Ωts reaches unity. The lower panel of Figure 11 shows
the two timescales tgrow|Ωts=1 and tdrift|Ωts=1 as calculated from
Equations (35) and (36), respectively. We see that compact
particles with ρint ∼ 1 g cm−3 do not satisfy the growth
condition (Equation (38)) outside the snow line, while porous
aggregates with ρint ∼ 10−5 g cm−3 do in the region r " 10 AU.
These explain our simulation results presented in Section 3.

Finally, we remark that a high disk mass (i.e., a high Σg

with fixed Σd/Σg) favors the breakthrough of the radial drift
barrier. Figure 12 shows the size a and the timescales tgrow
and tdrift at Ωts = 1 for a disk 10 times heavier than the
MMSN. We see that the growth condition (Equation (38)) is
now satisfied at r " 25 AU for ρint = 10−5 g cm−3 and at
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Figure 11. Size a (upper panel) and growth timescale tgrow (lower panel) of
dust aggregates at Ωts = 1 as a function of orbital radius r for internal densities
ρint = 1.4 g cm−3 (solid line), 10−2 g cm−3 (dashed line), and 10−5 g cm−3

(dotted line). The MMSN with the dimensionless diffusion coefficient αD =
10−3 is assumed for the disk model. The thick line in the upper panel indicates
a = 9λmfp/4, at which the drag law changes from the Epstein regime to the
Stokes regime. The thick line in the lower panel shows the drift timescale tdrift at
Ωts = 1 (independent of ρint). For ρint = 10−5 g cm−3, tgrow|Ωts=1 satisfies the
growth criterion (Equation (38)) at r ! 10 AU. In reality, tgrow|Ωts=1 does not
fall below the value given by Equation (47) (thin dotted line) because of the effect
of the gas drag at high particle Reynolds numbers (see Section 5.1). However,
this does not change the location where the growth condition is satisfied.
(A color version of this figure is available in the online journal.)

r " 7 AU even for ρint = 10−2 g cm−3. This is because a higher
Σg leads to a shorter λmfp and hence allows aggregates to reach
the Stokes regime a/λmfp ≫ 1 at larger r or with higher ρint
(note that the enhancement of Σg by a constant remains η and
hence tdrift|Ωts=1 unchanged). Interestingly, our porosity model
predicts that ρint|Ωts=1 is independent of Σg . In fact, substituting
Equation (44) with (∆v)Ωts=1 ≈ √

αDcs and N1+2 ∝ ρinta
3 into

Equation (28), we obtain the equation for ρint|Ωts=1 that does not
involve Σg .

5. DISCUSSION

So far we have shown that the evolution of dust into highly
porous aggregates is a key to overcome the radial drift barrier.
However, in order to clarify the role of porosity evolution, we
have ignored many other effects relevant to dust growth in
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The situation differs in the Stokes drag regime. A similar
calculation as above leads to

(ρinta)Ωts=1

Σg

= 9
2π

λmfp

a|Ωts=1
(41)

and

tgrow|Ωts=1 ≈ 60
(

Σd/Σg

0.01

)−1 λmfp

a|Ωts=1
. (42)

Note that the growth timescale is inversely proportional to
the aggregate radius, in contrast to that in the Epstein regime
(Equation (40)) being independent of aggregate properties.
Substituting Equations (36) and (42) into the growth condition
(Equation (38)), we find that the aggregates break through the
radial drift barrier in the “deep” Stokes regime, a|Ωts=1/λmfp !
45. Unlike Equation (40), Equation (42) implicitly depends
on ρint through aΩts=1/λmfp (see below), so the porosity of
aggregates does affect the growth timescale in this case. It is
interesting to note that the speed-up of dust growth occurs even
though the maximum collision velocity is the same. Indeed, the
collision velocity depends only on Ωts and is thus independent of
the drag regime. We remark that Stokes’ law breaks down when
a becomes so large that the particle Reynolds number becomes
much larger than unity, as already mentioned in Section 2.2. We
will show in Section 5.1 that this fact sets the minimum value
of tgrow|Ωts=1 to ≈0.3tK ; see Equation (47).

The internal density of aggregates controls the growth
timescale through the aggregate size a at Ωts = 1. For given
ρint, one can analytically calculate a|Ωts=1 from Equations (39)
and (41). Explicitly,

a|Ωts=1 = 2Σg

πρint
(43)

for the Epstein regime, and

a|Ωts=1 = 3
(2π )1/4

√
mghg

ρintσmol
(44)

for the Stokes regime, where we have used λmfp = mg/(ρgσmol)
and ρg = Σg/(

√
2πhg). For fixed ρint, a|Ωts=1 decreases with

increasing r in the Epstein regime, but increases in the Stokes
regime. The upper panel of Figure 11 plots a|Ωts=1 for three
different values of the aggregate internal density ρint. If dust
particles grow into compact spheres (ρint ∼ 1 g cm−3), Epstein’s
law governs the motion of Ωts = 1 particles in almost the
entire snow region (r > 3 AU). However, if dust particles
grow into highly porous aggregates with ρint ∼ 10−5 g cm−3,
the particles growing at r " 60 AU enter the Stokes regime
before Ωts reaches unity. The lower panel of Figure 11 shows
the two timescales tgrow|Ωts=1 and tdrift|Ωts=1 as calculated from
Equations (35) and (36), respectively. We see that compact
particles with ρint ∼ 1 g cm−3 do not satisfy the growth
condition (Equation (38)) outside the snow line, while porous
aggregates with ρint ∼ 10−5 g cm−3 do in the region r " 10 AU.
These explain our simulation results presented in Section 3.

Finally, we remark that a high disk mass (i.e., a high Σg

with fixed Σd/Σg) favors the breakthrough of the radial drift
barrier. Figure 12 shows the size a and the timescales tgrow
and tdrift at Ωts = 1 for a disk 10 times heavier than the
MMSN. We see that the growth condition (Equation (38)) is
now satisfied at r " 25 AU for ρint = 10−5 g cm−3 and at
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Figure 11. Size a (upper panel) and growth timescale tgrow (lower panel) of
dust aggregates at Ωts = 1 as a function of orbital radius r for internal densities
ρint = 1.4 g cm−3 (solid line), 10−2 g cm−3 (dashed line), and 10−5 g cm−3

(dotted line). The MMSN with the dimensionless diffusion coefficient αD =
10−3 is assumed for the disk model. The thick line in the upper panel indicates
a = 9λmfp/4, at which the drag law changes from the Epstein regime to the
Stokes regime. The thick line in the lower panel shows the drift timescale tdrift at
Ωts = 1 (independent of ρint). For ρint = 10−5 g cm−3, tgrow|Ωts=1 satisfies the
growth criterion (Equation (38)) at r ! 10 AU. In reality, tgrow|Ωts=1 does not
fall below the value given by Equation (47) (thin dotted line) because of the effect
of the gas drag at high particle Reynolds numbers (see Section 5.1). However,
this does not change the location where the growth condition is satisfied.
(A color version of this figure is available in the online journal.)

r " 7 AU even for ρint = 10−2 g cm−3. This is because a higher
Σg leads to a shorter λmfp and hence allows aggregates to reach
the Stokes regime a/λmfp ≫ 1 at larger r or with higher ρint
(note that the enhancement of Σg by a constant remains η and
hence tdrift|Ωts=1 unchanged). Interestingly, our porosity model
predicts that ρint|Ωts=1 is independent of Σg . In fact, substituting
Equation (44) with (∆v)Ωts=1 ≈ √

αDcs and N1+2 ∝ ρinta
3 into

Equation (28), we obtain the equation for ρint|Ωts=1 that does not
involve Σg .

5. DISCUSSION

So far we have shown that the evolution of dust into highly
porous aggregates is a key to overcome the radial drift barrier.
However, in order to clarify the role of porosity evolution, we
have ignored many other effects relevant to dust growth in
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St = 1 のダストのガス抵抗則

⾼密度ダスト

超低密度ダスト

→ ストークス則に⼊ってしまえば、 
  tstopが急激に増えるようになる



次回予告: 第4章 ダストのミクロ物理


